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Figure 1. (a) Comparison of H i and H2 surface densities sampled at the resolution of the H i data. Points are color coded by gas-phase metallicity, assumed uniform
except for four galaxies (NGC 1637, 3198, 4254, and 4654) where a measured gradient has been applied. A diagonal line corresponds to the locus of equal H i and
H2 surface densities. The correlation of characteristic H i column density with metallicity is apparent as a color gradient in the plotted points. The MK10 predictions
for three different metallicities (12 + log(O/H) = 9.1, 8.65, and 8.2) are shown as colored lines. (b) The same data and color coding but with the abscissa normalized
by the predicted value from MK10 as appropriate to each point. Panels (c) and (d) compare ΣH2 with stellar surface density and normalized galactocentric radius
respectively.
(A color version of this figure is available in the online journal.)

changes in the covering fraction of GMCs rather than the actual
surface density of GMCs.

4. DISCUSSION AND SUMMARY

We have compared the CO and H i surface brightnesses in
individual apertures across 18 galactic disks from the CARMA
STING sample spanning a range of metallicity and stellar mass.
For simplicity we have plotted only independent quantities,
avoiding intrinsic correlations between axes and assumptions

about which combination of observables is most physically
relevant for star formation or ISM physics. We also exclude non-
detections (upper limits) from our analysis, so we are sensitive
only to trends in CO-detected regions, which may be quite
distinct from trends related to the detectability of CO (e.g.,
Saintonge et al. 2011).

Our principal result is a clear dependence of the characteristic
H i column density on metallicity, as predicted by the models
of KMT09 and MK10. A similar result had been obtained
for a dwarf galaxy sample by Fumagalli et al. (2010), but
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Galactic-Scale 
HI-H2 Transition Data: Wong+ (2013)
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Observing the SF on Sub-Galactic Scales

• On sub-galactic scales, can either use dense gas tracers 
(see talks by Leroy, Bigiel) or look at MW clouds 

• In MW clouds, measure mass, density, and stellar mass 

• Need dimensionless quantity to compare to galactic 
scales: εff = SFR / (M/tff) 

• Challenges (see Kruijssen’s talk): 
• want SFR, have stellar mass 
• want gas mass at time of SF, but modified by feedback 



SFR at Sub-Galactic 
Scales

Compilation of all data up to 
2014: Krumholz 2014 review



SFR at Sub-Galactic 
Scales: Newer Data

Top left: Evans+ 2014 (Gould's Belt)

Top right: Heyer+ 2016 (ATALASGAL)

Bottom left: Vutisalchavakul+ 2016 (whole galaxy)

Bottom right: Lee+ 2016 (whole galaxy)

Heyer+ 2016

The Astrophysical Journal, 782:114 (13pp), 2014 February 20 Evans, Heiderman, & Vutisalchavakul

Figure 1. Plot of log(ρ(SFR)) vs. log(ρgas) for Class I sources in the nearby clouds. The uncertainties are propagated into both axes for contours with more than one
YSO. For contours with only one YSO, only upper limits are plotted since the uncertainties exceed the value. Likewise, contours with no YSOs are plotted as if they
had one YSO, again with only upward uncertainties, assuming an uncertainty of one in the number of YSOs. The blue line is the prediction of Equation (7). The black
line is the result of a least-squares fit to the data.
(A color version of this figure is available in the online journal.)

Figure 2. Plot of log(Σ(SFR)) vs. log(Σgas/tff ) for Class I sources in the nearby clouds. The uncertainties are propagated into both axes for contours where the value
exceeds the uncertainty. Only the points and the upper limits are plotted when the uncertainties exceed the value, but the data are consistent with negative infinity in
the log. Likewise, contours with no YSOs are plotted as if they had one YSO, again with only upward uncertainties, assuming an uncertainty of one in the number of
YSOs. The blue line is the prediction of Equation (7), translated to surface densities. The black line is the result of a least-squares fit to the data.
(A color version of this figure is available in the online journal.)

be correlated. This impression of a correlation arises because
Krumholz et al. (2012) plotted the same clouds twice, but the
second time with values taken from a contour with higher
extinction values. Plotting the same clouds twice in Figure 3
of Krumholz et al. (2012) effectively mixes our Figure 1, which
shows a very steep correlation within clouds, and Figure 3,
which shows no convincing correlation from one cloud to
another. Lada et al. (2013) have also emphasized that there is a
Schmidt relation (Equation (1)) within clouds but not between
clouds.

3.3. Tests of a Crossing Time Model

We have also tested the crossing time instead of tff as the
relevant timescale. We define tcross as the time for a disturbance
traveling at the turbulent equivalent of the mean speed to cross
the entire cloud (twice the size, which is defined as the equivalent
of the radius). The turbulent speed was calculated from the
linewidth measured for the cloud, preferably an average over the
cloud in the 13CO J = 1 → 0 line, but occasionally resorting to
other tracers (see Appendix A for the sources of velocity data).

5

M. Heyer et al.: Rate and latency of star formation

Fig. 10. Variation of star formation rate normalized by area, ΣSFR with a) ΣH2, b) ΣH2/τorb, c) ΣH2/τff , and d) ΣH2/τcross for resolved ATLASGAL
clumps with measured distances. Points correspond to star forming ATLASGAL clumps (black circles and red error bars), 2σ upper limits to ΣSFR
for non-star forming ATLASGAL clumps (black crosses) Lada et al. (2012; green), Evans et al. (2014; magenta), and Gutermuth et al. (2009;
blue). As discussed in the text, the black circles are lower limits to the true star formation rates. In a) the lines correspond to Kennicutt (1998;
dotted), Bigiel et al. (2008; dashed), Wu et al. (2005; solid). In b) and c), the dashed lines correspond respectively to the global star formation law
with ϵorb = 0.1 and 1.0 and the volumetric star formation law with ϵff = 0.001 and 0.01. In d), the dotted line is an error-weighted fit to the star
forming ATLASGAL clumps.

lower limits. Repeating the fit using the total YSO mass assum-
ing a fully sampled IMF, the parameters are: ϵff = 0.02 ± 0.01, a
power-law index 1.14 ± 0.06, a reduced χ2 = 1.2, and a root
mean square of 0.5 dex. Since ΣSFR,imf is an upper limit, the
true value of ϵff lies somewhere between these two (0.003, 0.02)
values. On the other hand, inclusion of the 2σ upper limits for
non-star forming clumps would bias the efficiency towards lower
values.

Elmegreen (2000) summarizes observations that suggest star
formation in dense structures is rapid. The production of new
stars begins immediately after the structure has condensed from
its overlying substrate and is completed within several cross-
ing time scales. The dependence of the star formation rate on
the crossing time scale within this set of ATLASGAL clumps
is examined in Fig. 10d. There are 59 star forming and 44 non-
star forming ATLASGAL clumps with velocity dispersions from
NH3 line emission that also satisfy the 24 µm completeness and
resolved clump size requirements. The star formation rate sur-
face density, ΣSFR is well correlated with ΣH2/τcross. An error-
weighted power law fit to the 59 points produces the following
parameters: ϵcross = 0.03±0.016, a power-law index 0.91±0.09,
a reduced χ2 = 3.2, and a root mean square of 0.3 dex. While

this is a lower limit to the efficiency of star forming clumps per
crossing time, inclusion of the upper limits of non-star forming
clumps would lower the overall efficiency within dense substruc-
tures of molecular clouds. Based on these data, star formation is
well linked to the local crossing time of a clump but does not
proceed rapidly or efficiently.

Overall, the derived star formation rates within dense clumps
traced by the thermal dust continuum emission favors the regu-
lation of stellar production by local conditions or processes. The
strongest correlations are identified in Figs. 10c, d in which ΣSFR
depends on the dense, gas surface density normalized by the
free-fall and clump crossing times respectively. The low effi-
ciencies of 1% or less for ϵff and ϵcross and the long latency
times implied by f∗, point towards a localized process or state
that slows the rate of star formation or limits the amount of
material that is transformed into stars within these dense gas
configurations.

7. Conclusions

We have examined the ATLASGAL and MIPSGAL source cat-
alogs to link Class I YSOs to their natal, massive, dense clump
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Figure 5. Star formation rate per unit area vs. the cloud
gas surface density divided by the free-fall time, analogous
to Figure 3 of Krumholz et al. (2012). The red dashed line
delineates the volumetric star formation law proposed by
Krumholz et al. (2012) assuming a constant ✏↵ = 0.01. We
draw two di↵erent constant ✏↵ (0.1 and 0.001) in red dot-
dashed lines for reference. We find a significant correlation
between ⌃

?

and ⌃/⌧↵ . However, the scatter about the volu-
metric star formation law ⌃̇

?

/ ⌃/⌧↵ is large: 0.86 dex.

to emphasize that their model assumes that the star
formation rate is time-independent. We see in Figure 4
that the KM05 model expects a scatter in ✏↵ , � = 0.24
dex, significantly smaller than the observed � = 0.91
dex.
The KM05 model has been criticized for characteriz-

ing an entire cloud and its collapsing substructure by
a single free-fall timescale. Star-forming substructures
have varying densities and therefore di↵erent free-fall
times (see e.g., Hennebelle & Chabrier 2011, Federrath
& Klessen 2012, and references therein). Hennebelle &
Chabrier (2011) present an analytic model of ✏↵ , which
takes into account not only the di↵erent free-fall time for
each collapsing structure but also the recycling of tur-
bulent flow over a dynamical time (see also Federrath &
Klessen 2012; Hennebelle & Chabrier 2013):

✏↵ / e

3�2
⇢/8

"
1 + erf

 
�

2
⇢

� lnxcrit

21/2�
⇢

!#
(17)

where �

⇢

is the spread in the density distribution, set
by the cloud Mach number:

�

2
⇢

= ln(1 + b

2M2) (18)

(b = 0.25 for purely solenoidal driving and b = 1.0
for purely compressive driving; we take b = 0.5) and
xcrit ⌘ ⇢crit/⇢0 is the critical density over which sub-
structure begins to collapse normalized by the average
bulk density of the cloud ⇢0. We experiment with two
criteria for collapsing: if the local Jeans length becomes
comparable to the local shock width (Padoan & Nord-

lund 2011, PN criterion):

xcrit ' 0.067✓�2
↵virM2 (19)

with ✓ = 0.35 and if the local Jeans length becomes
comparable to some prescribed fraction ycut of the cloud
size (Hennebelle & Chabrier 2011, ycut criterion):

xcrit =
1

5ycut

↵vir

M2
(1 +My

p

cut). (20)

Here, p is the power-law scale from the size-linewidth
relationship � / R

p; we adopt p = 0.5. The normaliza-
tion of equation 17 represents the e�ciency at which a
clump gas converts to a star, and we adjust it so that the
median model-inferred ✏↵ matches that of the observed.
The match warrants an unusually small normalization:
0.009 for the PN criterion and 0.002 for the ycut crite-
rion, compared to the usual 0.02–0.05.
These multi-freefall models of star formation show

stronger dependence of ✏↵ on the Mach number com-
pared to the KM05 model. It has been argued that
the observed scatter in ✏↵ of Milky Way clouds can be
explained if the clouds’ Mach number or the scale of tur-
bulence driving vary by & 2 orders of magnitude (e.g.,
Federrath 2013; Chabrier et al. 2014). Figure 4 demon-
strates that the velocity dispersion or the size of the
clouds simply do not vary enough to reconcile even the
multi-freefall model with the observed scatter in ✏↵ of
the MML16 clouds. No reasonable choice of ycut can
reproduce the large � = 0.91 dex. Furthermore, HC11
models predict a strong positive correlation between ✏↵

and the total mass in contrast to a weak negative corre-
lation seen in the data.
Three facts emerge from our analysis that hints at

the controlling parameters of star formation other than
↵vir, M, and the scale of turbulence driving. First, the
measured scatter is significantly larger than any theoret-
ically expected scatter. Second, there is little systematic
o↵set between the observed and the KM05 distribution
of ✏↵ . Third, an unusually small gas-to-core e�ciency
is required to match the median ✏↵ expected from the
multi-freefall models to that observed. All three facts
suggest the distribution of Milky Way cloud M and size
is far too narrow to explain the observed scatter in ✏↵

with what the multi-freefall models predict.
Both the larger scatter and the lack of systematic o↵-

set between the observed and theoretical distribution of
✏↵ is also evident in Figure 5. The figure shows the
star formation rate per unit area ⌃̇

?

plotted against the
ratio between the gas surface density and the free-fall
time, ⌃/⌧↵ , a comparison advocated by Krumholz et al.
(2012).
Like Krumholz et al. (2012), we find a statistically

significant correlation between ⌃̇
?

and ⌃/⌧↵ . A least-
square fit produces ⌃̇

?

/ (⌃/⌧↵)0.3, compared to the

Lee+ 2016

Evans+ 2014

5.4. òff versus tff/tdyn
As summarized by Padoan et al. (2014, p. 77), simulations of

turbulent MCs indicate that the speed of star formation,
measured by �ff , should depend on the virial parameter. In
particular, Padoan et al. (2012) show that turbulent simulations
closely follow the following relation:

( )� �= -e 17t t
ff wind

1.6 ff dyn

where �wind is the core to star efficiency, taken to be about 0.5
due to winds removing material, s=t rdyn cloud v,3D, and
s s= 3v,3D v,1D. The variable t tff dyn is simply related to the
virial parameter by

( )a=t t 0.86 , 18ff dyn

where α is the virial parameter.
The data are plotted in Figure 6, along with the prediction of

Padoan et al. (2012). The data show no significant correlation
(Pearson correlation coefficient of 0.13) and lie on average a
factor of 55 below the model predictions. The mean efficiency
�ff for Mcloud is 0.008, comparable to the Krumholz et al. (2012)
value of 0.01. For this sample, aá ñ = 1.6 1.2; if we use that
value in Equations (17) and (18), they would predict
� = 0.09ff , more than 10 times the observed mean value.

5.5. Summary of Star Formation Relationships

A comparison of the values in Table 6 shows that all three
variables (Mcloud, Mdense, Mcloud/tff) have similar correlation
coefficients. All the correlations are significant at the s3 level.
Equivalently, we can exclude the null hypothesis that the
correlations arise from a random distribution of variables with a
high level of probability. Only the correlation with Mdense is
consistent with a linear relation. The fit to SFR versus Mcloud
shows a slope much flatter (0.66± 0.12) than the usual values
of 1.0–1.5. Theory predicts a linear relation between SFE and

Mcloud/tff , but the slope we find (1.80± 0.39) differs by more
than s2 from the theoretical expectation.
Another theoretical prediction is that the star formation

efficiency per free-fall time should decrease exponentially with
the ratio of the free-fall time to the dynamical time. As shown
in Figure 5, there is no signficant correlation in our data, and
the values lie well below the predictions.
Comparing SFR and Mcloud, we found considerable scatter.

This scatter has been observed and quantitatively explained in
several studies (Onodera et al. 2010; Schruba et al. 2010;
Kruijssen & Longmore 2014). One explanation is that the
strong correlation observed when looking at the scale of
galaxies is due to averaging over variations in different star-
forming regions’ properties. When looking at the scale of MCs,
the properties of MCs, such as the evolutionary stages,
contribute to the scatter in the relation between mass and
SFR. Even in our sample where only sources with overlap
between molecular gas and star formation are selected (thus
leaving out the earlier stages such as Infrared Dark Clouds
(IRDC) and later stages where stellar feedback disrupts the
clouds), the scatter in SFR and Mcloud relations is large. In
previous work, we have shown that averaging over larger
regions in our Galaxy reduces the scatter (Vutisalchavakul
et al. 2014).

6. COMPARISON TO NEARBY CLOUDS

Now that we have extended the study of star formation
relations to more distant regions forming more massive stars in
the Milky Way, we can compare the results to those for nearby
clouds (Heiderman et al. 2010; Evans et al. 2014). Those
authors considered star formation relations within the nearby
clouds, but we lack the resolution to do that for the Galactic
Plane clouds. In addition, Lada et al. (2013) highlighted the
differences between star formation relations within and
between clouds, and Parmentier (2016) has summarized the
issues in comparing surface densities of SFR and gas between
nearby and more distant clouds. Furthermore, plotting SFR

Figure 5. Relation between SFR and mass over free-fall time. The blue line is
the linear least-squares fit to the data, and the red line represents the free-fall
model with � = 0.01ff .

Figure 6. Relation between �ff and free-fall time over dynamical (crossing)
time. The blue line is the prediction of the model of Padoan et al. (2012). The
red vertical line indicates a = 1.
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The HI-H2 Transition at 
Sub-Galactic Scales Data: Lee+ 2015
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Fig. 7.— Corrected N(HI) image at 4.3′ resolution.

ceeds an order of magnitude in many cases, and increases
the global HI mass by ∼30%. Even when considering the
correction factor per velocity channel, we find the maxi-
mum fchan(v) ∼ 4 for only one source and fchan(v) ! 3
for the rest of our sources.
Chengalur et al. (2013). Our correction factor can

also be compared with predictions from Chengalur et al.
(2013). This study performed Monte Carlo simulations
where observationally motivated input parameters such
as the column density, the spin temperatures of the CNM
and the WNM, and the fraction of gas in each of the
different phases were provided for ISM models. Our cor-
rection factor versus integrated optical depth plots, Fig-
ures 3 (right) and 5 (right), can be directly compared
with Figure 1A in Chengalur et al. (2013). We find that
the correction factor by Chengalur et al. (2013) is signif-
icantly higher than our estimate, although the general
trend of increasing correction with the integrated optical
depth is similar. For example, Chengalur et al. (2013)
expects f ∼ 20 when

!

τdv ∼ 10 km s−1, while we find
only f < 1.5. Similarly, our Figures 3 (left) and 5 (left)
can be compared with Figure 2A in Chengalur et al.
(2013). We find that our estimate is consistent with the
correction factor by Chengalur et al. (2013) for the col-
umn density less than 1021 cm−2, while Chengalur et al.
(2013) overestimates at the high end of our column den-
sity range. If we extrapolate our relation to 1022 cm−2,
we expect a ∼10 times lower correction factor than what
Chengalur et al. (2013) suggests. The reason for their
very high correction factor could be the inclusion of ex-
tremely high column densities (1023–1024 cm−2) in their
ISM models, although it is not clear why it less affects
the isothermal estimate of the HI column density. In the
simulations, the median ratio of the true HI column den-
sity to the isothermal estimate was ∼1.1 when

!

τdv ∼
5 km s−1.
Liszt (2014). Using the HI absorption data compiled

by Liszt et al. (2010), Liszt (2014) estimated the correc-

Fig. 8.— (left) Normalized histograms of the two N(HI) images,
before (black) and after (gray) the correction for high optical depth.
The median of each histogram is shown as the dashed line. (right)
Same as the left panel, but for N(H2).

tion factor for radio continuum sources located at high
Galactic latitudes. While they did not provide detailed
information about how exactly the derivation was done,
their correction factor was small with f less than 1.2 for
E(B−V ) ! 0.5 mag. This is comparable to our finding.
Fukui et al. (2014,2015). Finally, Fukui et al. (2015)

estimated the correction factor for the Galaxy at |b|> 15◦

by exploring the relation between τ353 and N(HI) at 33′

resolution. Their Figure 13 shows that the correction fac-
tor distribution ranges from ∼1.0 to ∼3.0, and peaks at
∼1.5. Using the same methodology, Fukui et al. (2014)
found that the correction increases the total HI mass of
the high latitude molecular clouds MBM 53, 54, 55, and
HLCG 92-35 by a factor of ∼2. In general, the correction
factor by Fukui et al. (2014,2015) appears higher than
our estimate for Perseus. While we do not perform a de-
tailed comparison with Fukui et al. (2014,2015), we test
their claim of the optically thick HI as an alternative of
the “CO-dark” gas in Section 7.
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Fig. 11.— (left) RH2 versus ΣHI +ΣH2 for IC348 and B1E (this study). All finite pixels in the rectangular boxes shown in Figure 9 are
used for plotting. The median 3σ values of RH2 and ΣHI+ΣH2 are indicated as the black dashed lines, while the best-fit curves determined
in Section 6.4 are overlaid in red. The best-fit parameters are shown in the bottom right corner of each plot. (right) Plots from Lee et al.
(2012).

6.3. RH2 versus ΣHI + ΣH2 and ΣHI versus ΣHI + ΣH2

From the rederived N(HI) and N(H2) images, we esti-
mate ΣHI and ΣH2 by

ΣHI (M⊙ pc−2) =
N(HI) (cm−2)

1.25× 1020

ΣH2 (M⊙ pc−2) =
N(H2) (cm−2)

6.25× 1019
. (16)

We find that ΣHI varies by only a factor of ∼2.6 from
∼4.8 M⊙ pc−2 to ∼12.7 M⊙ pc−2. On the other hand,
ΣH2 ranges from −2.4 M⊙ pc−2 to 81.8 M⊙ pc−2, al-
though ∼98% of the pixels have ΣH2 < 15 M⊙ pc−2. As
a result, ΣHI +ΣH2 has a small dynamic range of ∼8–30
M⊙ pc−2 across most of the cloud.
To compare with the KMT09 predictions aiming at re-

visiting the HI saturation in Perseus, we focus on the in-
dividual dark (B5, B1E, and B1) and star-forming (IC348
and NGC1333) regions. The boundaries of each region
were determined based on the 13CO emission (Section 5
of Lee et al. 2012 for details), and are shown as the red
rectangular boxes in Figure 9. Using all finite pixels in
the rectangular boxes, we plot ΣHI and RH2 as a function
of ΣHI +ΣH2 for each region, and present the results for
IC348 and B1E in Figures 10 and 11. Additionally, we
show the same plots from Lee et al. (2012) for compari-
son. Note that both this study and Lee et al. (2012) in-
clude negative ΣH2 values by using all finite pixels in the

rectangular boxes. Almost all (∼90%) of these negative
ΣH2 values fluctuate around zero within uncertainties.

6.4. Comparison to the KMT09 Predictions

As in Lee et al. (2012), the following KMT09 predic-
tions are used to fit the observed RH2 vs ΣHI +ΣH2 pro-
files:

RH2 =
4τc
3ψ

!

1 +
0.8ψφmol

4τc + 3(φmol − 1)ψ

"

− 1 (17)

where

τc =
3

4

#

Σcompσd
µH

$

, (18)

ψ = χ
2.5 + χ

2.5 + χe
, (19)

and

χ = 2.3
1 + 3.1Z ′0.365

φCNM
. (20)

Here τc is the dust optical depth a spherical cloud would
have if its HI and H2 are uniformly mixed, and χ is the
ratio of the rate at which LW photons are absorbed by
dust grains to the rate at which they are absorbed by H2.
In addition, Σcomp is the total gas column density, σd is
the dust absorption cross section per hydrogen nucleus in
the LW band, µH is the mean mass per hydrogen nucleus,
Z ′ is the metallicity normalized to the value in the solar
neighborhood, φCNM is the ratio of the CNM density to
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Hot vs. Warm 
Feedback

• Cooling curve introduces a 
distinction between hot and 
warm feedback


• Key quantity is cooling time: 
for T6 ≈ 0.1 - 100, we have tcool 
= nkT / Λn2 ≈ 40 T60.3 n0−1 kyr


• Compare to dynamical time in 
molecular cloud: tdyn = h/cs ≈ 
100 h1 T6−1/2 kyr


• Ratio tcool / tdyn ~ 1 at T ~ 106 K; 
hot feedback is defined by 
tcool / tdyn ≫ 1, warm feedback 
by tcool / tdyn ≲ 1
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Dere+ 2009



The Supernova Momentum Budget

• SN ejecta initially heated to ~109 K ⇒ near-adiabatic 

• Adiabatic phase described by Sedov solution, R ~ t2/5,  
momentum increases w/time as p ~ R3 (dR/dt) ~ t3/5 

• Momentum increase ends when gas cools enough to radiate; 
for single SN, final pSN ~ 3 x 105 M⨀ km s−1 

• Sedov phase generally unresolved in simulations, must be 
handled by sub grid models 

• Many simulations (Dobbs, Agertz, Hopkins, Renaud, Walch, 
Goldbaum, …) and analytic models (Ostriker, Faucher-
Giguere; discussion deferred to Eve Ostriker’s talk)
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Results of Simulations 
with SN Feedback Goldbaum+ 2016

our star-forming phase can be thought of as corresponding to
the molecular gas phase in a real galaxy.
We can quantitatively compare the impact of star formation

feedback on the structure of the ISM by finding the gas mass in
each ISM component as a function of time for each of our
simulated galaxies. The results of this comparison are shown in
Figure 7. We show simulations without (left column) and with
(right column) feedback, for each choice of initial gas fraction.
In all three simulations without feedback, the bulk of the gas

mass is locked up in dense star-forming gas. Over the course of
the simulation, this gas is converted into star particles, until
eventually the gas supply is exhausted. While there is still
substantial gas left at the end of the simulation in the LGF run,
the bulk of the gas in fiducial and HGF is converted into stars
over the course of the simulation.
The story is markedly different in the simulations with

feedback. Rather than being locked up in star-forming gas, the
bulk of the ISM is in the WNM or CNM. In the LGF case, the
gas is approximately evenly split between WNM and CNM,
with a smaller fraction ending up as star-forming gas. In the

Figure 5. Star formation rate surface density as a function of gas (left column) H2 (middle column) and H I (right column) surface density. We show data from the low
gas fraction (top row), fiducial (middle row) and, high gas fraction (bottom row) models. To guide the eye, we also mark lines of constant depletion time (108, 109, and
1010 years) as dotted lines.

Figure 6. Density-temperature phase diagram for the gas in the fiducial
simulation at T = 600 Myr. We indicate the regions of phase space we use to
define various components of the ISM.
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Figure 4.10: The time evolution of the masses of the ISM components depicted in
Figure 4.9 (solid lines) along with the mass of dynamically formed stars (dot-dashed
line).
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Issues with SN 
Feedback

• Nothing to say about observed 
low εff on sub-galactic scales: 
SNe too late


• Nothing to say about observed 
correlation of star formation 
with HI - H2 and metallicity


• Results significantly dependent 
on sub grid model, particularly 
at lower resolution


• Momentum injection rate 
known well only for single SN; 
significant uncertainty about 
clustering

The Astrophysical Journal, 770:25 (26pp), 2013 June 10 Agertz et al.

Figure 12. Impact of feedback implementation and assumed star formation efficiency on the ΣSFR − Σgas relation. The left panel shows runs with no feedback, while
the right panel shows runs with ALL feedback implementation (see Table 2). In both panels, the two sets of points show runs with two different assumed star formation
efficiencies ϵff = 1%–10%. The points correspond to the average disk values in azimuthal bins of width ∆r = 720 pc, and are calculated from simulation snapshots in
the time range 240–300 Myr. The black solid line shows the galactic scale averaged data from Kennicutt (1998) and the contour lines the distribution of sub-kpc-sized
patches in the sample of nearby galaxies by Bigiel et al. (2008). In runs with no feedback, the normalization of the relation scales linearly with the assumed value of
ϵff , while in runs with feedback the amplitude of the relation changes by a factor of at most 2 for values of ϵff that differ by a factor of 10. Star formation in the central
parts of the galaxy, here points with the largest values of Σgas, is not affected by feedback to the same extent as the rest of the disk and the difference in amplitude for
runs with different ϵff persists in these regions.
(A color version of this figure is available in the online journal.)

Figure 13. Impact of different implementations of feedback on the ΣSFR–Σgas relation. The left panel shows the effect of varying the strength of radiation pressure
momentum injection, the middle panel shows effect of delaying cooling around newly born star particles, and right panel shows effect of treating a fraction of thermal
feedback energy as a separate energy variable. Data points show azimuthally averaged values adopting bin sizes of ∆r = 720 pc, and are calculated from simulation
snapshots in the time range 240–300 Myr. The observational data points are described in the caption of Figure 12. Larger values of τIR, cooling delay time tcool, or
energy dissipation time tdis can lead to a similar suppression of normalization of the ΣSFR–Σgas relation. The investigated feedback methods show a factor of ∼20
spread in the normalizations of the ΣSFR–Σgas relation, which shows that this relation can be a useful tool in constraining parameters of feedback models.
(A color version of this figure is available in the online journal.)

The dependency of feedback model parameters on the KS re-
lation is shown in Figure 13, in which different panels show
the effect of increasing the strength of radiation pressure,
delaying cooling for longer times, and increasing the
contribution/duration of feedback energy using a second en-
ergy variable. Overall, the sensitivity to the parameters is
fairly weak: the KS relation is similar for models in which

dissipation of SNII energy is slowed down by delay of cool-
ing or via using second energy variable for tcool ! 10 Myr
or tdis ! 1 Myr, and for models with early momentum injec-
tion with optical depth up to τIR = 10. As parameters are di-
aled up to even larger values (τIR = 30, tcool = 40 Myr, or
tdis " 10 Myr), normalization of the KS relation is significantly
suppressed.
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4.2 Quantitative model

Informed by the qualitative understanding developed in Section 4.1,
we now construct a quantitative parametric model which we con-
strain using our simulation results (Table 1). In both the small-N
and superbubble limits, we expect the results to behave like a power
law in number of SNe, gas density, and metallicity, but we expect
these to be different power laws. Therefore, we choose to construct
a model of two power laws with a smooth break. In the few-SN
(small-N) limit, we use a model of the form
!

p

NSNe

"

few
=

!
p

NSNe

"

0,few

!
Z

Z⊙

"ηZ,few

×
!

ρ

mH cm−3

"ηρ,few
!

NSNe

1

"ηN,few

(17)

and in the many SNe (superbubble) limit, we use a similar form,
!

p

NSNe

"

many
=

!
p

NSNe

"

0,many

!
Z

Z⊙

"ηZ,many

×
!

ρ

mH cm−3

"ηρ,many !
NSNe

1000

"ηN,many

(18)

which are smoothly combined using

p

NSNe
=

#
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NSNe

$

few

#
p

NSNe

$

many#
p

NSNe

$

few
+

#
p

NSNe

$

many

(19)

≈ min
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NSNe

"

few
,

!
p

NSNe

"

many

&
. (20)

Assuming that our simulation results have a random additive
Gaussian noise of variance σ 2, we can construct a Gaussian likeli-
hood function for the results of each simulation. Even though σ 2 is
unknown, this allows us to determine a maximum likelihood esti-
mate (MLE) for our best-fitting model parameters. We would also
like to understand the uncertainties in those parameters. For that we
need the posterior, which through Bayes’ theorem requires a prior
distribution, π on those parameters. Since we do not have strong
prior information on most of these parameters, we choose uniform,
independent priors on our parameters: log (σ 2), log (p/NSNe)0, few,
ηZ, few, ηρ, few, ηN, few, log (p/NSNe)0, many, ηZ, many, ηρ, many, ηN, many.

Combining this prior with a Gaussian likelihood for our data re-
sults in the posterior distribution of our model parameters. We sam-
ple this posterior distribution using a Markov chain Monte Carlo
scheme, using Gibbs sampling to draw samples of σ 2 from an in-
verse gamma distribution and using a Metropolis–Hastings random
walk for the remaining parameters. We use the MLE as the starting
guess, discard the first 10 000 steps as burn-in steps, and save the
next 100 000 steps. Using these samples, we can now estimate un-
certainties on our model parameters: for each parameter, we use the
median as our best-fitting value, and the 16th and 84th percentiles
as our uncertainty interval (effectively marginalizing over all other
parameters) resulting in
!

p

NSNe

"

0,few
= 4249+741

−683 × 100 M⊙ km s−1 (21)

ηZ,few = 0.05+0.05
−0.06 (22)

ηρ,few = −0.06+0.03
−0.03 (23)

Figure 14. Comparison of a slice of our simulation results (Z = Z⊙,
ρ = 1.33mH cm−3) to our model with an uncertainty envelop bounding
the 16th and 84th percentiles of our predictive momentum model. Some
slices fit better and some slices fit worse, but overall this is a represen-
tative slice. For comparison, we also plot a typical unclustered model,
p/(100 M⊙NSNe) = 3000 km s−1 (Ostriker & Shetty 2011, green dashed
line).

ηN,few = 2.20+0.24
−0.23 (24)

!
p

NSNe

"

0,many
= 23546+1072

−1073 × 100 M⊙ km s−1 (25)

ηZ,many = 0.15+0.01
−0.01 (26)

ηρ,many = 0.14+0.01
−0.01 (27)

ηN,many = −0.07+0.02
−0.02 (28)

σ = 6075+214
−202 × 100 M⊙ km s−1 (29)

Our posterior samples are also useful for estimating the uncertainty
in the predicted momentum from a particular cluster. For a given
gas metallicity, density, and number of SNe, each posterior sam-
ple predicts a slightly different momentum and an uncertainty σ

on that momentum. For each posterior sample, we then generate
realizations of the noise with variance σ 2. For N posterior sam-
ples and M noise realizations, this gives us N × M samples of the
momentum predictive distribution, which allows us to estimate the
median and the 16th and 84th percentiles of the predictive distribu-
tion for a given cluster. We compare this predictive model and its
uncertainties to our a subset of our numeric data in Fig. 14.

5 D ISCUSSION

Using our numeric results and quantitative model, we can now com-
ment on the significance of these results in the context of previous
works. We first examine the implications of our results for models
of momentum-regulated star and galaxy formation in Section 5.1.
We then compare our results to those of previous authors in Sec-
tion 5.2, and in Section 5.3 we discuss the potential importance of
physical processes we have omitted.

5.1 Implications of high momentum efficiency of clustered SNe

In models of momentum-driven feedback, the key parameter is
p/m∗, the amount of momentum injected per unit mass of stars

MNRAS 465, 2471–2488 (2017)

Agertz+ 2013

Gentry+ 2017



Simulations of Dust-Driven winds 5

Figure 2. Density distribution ⇢ for five snapshots from run T10.

tions in D14 shows that gas in a gravitational field with
⌧⇤  1 and f

E,⇤  0.5 should fall back to the bottom of
the system and maintains a quasi-steady state. In the ab-
sence of gravity the gas becomes unbound, and we study
the behavior of the unbound gas. It reaches the top of
the box at t ⇠ 68t

a

and spreads over a vertical height of
⇠ 500h

a

, smaller and with lower velocity dispersion than
the gas in T3 and T10.
Gas acceleration with various optical depths can be

clearly seen in the mass-weighted mean velocity, which
is given by

hvi = 1

M

Z
⇢vdV, (18)

and mass-weighted velocity dispersion

�

2
i

=
1

M

Z
⇢(v

i

� hv
i

i)2dV, (19)

respectively, where M =
R
⇢dV is the total mass in the

atmosphere. The left panel of Figure 4 shows the mean
velocity in y direction hv

y

i, and the total velocity � =q
�

2
x

+ �

2
y

for T1, T3H and T10 runs. For convenience,

we convert the dimensionless units in the simulations to
cgs units. The velocity hv

y

i increases almost linearly
with time. The timescale of gas acceleration to 50 km s�1

is ⇠ 100 kyr, which is comparable to the time to launch a
wind from the base of the system. Gas with lower initial
optical depth ⌧⇤ gives a slower acceleration. For example,
hv

y

i reaches 50 km/s at t ⇠ 150 kyr in T1, but reaches
the same velocity with a shorter time t ⇠ 110 kyr in T3H.

Figure 3. Density distribution ⇢ for five snapshots from run T1.

Also, lower ⌧⇤ leads to lower dispersion velocity. Velocity
dispersion � in T1 grows from ⇠ 2 km/s to 3.5 km/s at
t ⇠ 200 kyr, while � in T3H increases from 5 km/s to 7
km/s at t ⇠ 80 kyr, then oscillates at ⇠ 6 � 7 km/s at
later time.
Note that the velocities obtained by radiation-

pressure-acceleration in Figure 4 is far below the ob-
served velocities of cold clouds, which can reach hundreds
or even thousands of km s�1 (e.g., Heckman et al. 2000;
Rupke et al. 2002, 2005a,b,c; Martin 2005; Weiner et al.
2009; Chen et al. 2010; Erb et al. 2012; Kornei et al.
2013). That is because in our simulations we only study
wind propagation within a vertical height of ⇠ 5� 10 pc.
An estimate of the gas velocity on a larger scale is dis-
cussed in Section 4.

3.2. Spatial Resolution

A Word on Radiation 
Pressure
• Radiation potentially gets bottled 

up by high optical depth, becomes 
like hot gas


• Early conjecture: ftrap ≡ frad / (L/c) ≈ 
τIR-base; if true, important effect 
(Thompson+ 2005; Hopkins+ 2011)


• Trapping limited by radiation 
Rayleigh-Taylor instability (Jacquet 
& Krumholz 2011)


• Lots of simulations: Krumholz & 
Thompson 2012, 2013, Davis+ 
2014, Rosdahl & Teyssier 2015, 
Tsang & Milosavljevic 2015, Zhang 
& Davis 2017

Zhang & Davis 2017



Implications for Radiation Pressure

• Zhang & Davis 2017 numerical result 
• ftrap ~ τIR-phot/fE,phot for τIR-phot ≳ 1 
• ftrap ~ 1 for τIR-phot < 1 

• Radiation pressure is hot gas-like if ftrap ≫ 1 

• Not achieved on galactic 
  scales 

• May be relevant on very  
  small scales or in QSOs



Outline

• Review of observations 
• Galatic scales 
• Sub-galactic scales 

• Feedback taxonomy 
• Hot (~107 K) feedback (SNe, stellar winds, radiation?) 
• Warm (~104 K) feedback (photoionisation, PMS 

winds) 
• Cool (~10 - 103 K) feedback (FUV heating) 

• Conclusions and future questions 



Ionising Radiation: General Considerations

• Ionised gas rockets away from cloud, delivers momentum via rocket 
effect 

• Momentum budget comparable to SNe, but starts immediately and 
happens over ~4 Myr 

• Ineffective for clouds with escape speed ≳ 10 km s−1, because vesc > 
cs; direct radiation pressure may dominate these (Fall+ 2010) 

• Simulations: Vazquez-Semadeni+ 2010, Dale+ 2011, 2012, 2014, 
Gavagnin+ 2017 

• Analytic models: Matzner 2002, Krumholz+ 2006, Goldbaum+ 2011, 
Zamora-Aviles+ 2012



Disruption of a GMC by 
Photoionisation and Winds Dale+ 2014



Before the first supernova: combined effects of H II regions and winds on molecular clouds 705

Figure 15. Mean values of SFER(t) over the feedback interval for the bound-cloud (left) and unbound-cloud (right) simulations, denoted by blue (control
runs) and red (dual-feedback runs) circles.

Figure 16. Mean values of SFERff(t) over the feedback interval for the bound-cloud (left) and unbound-cloud (right) simulations, denoted by blue (control
runs) and red (dual-feedback runs) circles. Results from Murray (2011) are shown as grey circles.

3.7.4 SFERff(t)

Finally, in Fig. 16, we plot SFERff(t), again including the data from
Murray (2011). This plot shows that, in general, the initially un-
bound clouds convert gas to stars more slowly and the cloud bound-
edness is the dominant parameter determining SFERff, although
feedback does have some influence. SFERff is nearly constant in
the bound clouds at values of the order of 10 per cent and nearly
constant in the bound clouds at values of around 3 per cent.

Krumholz & Tan (2007) measured SFERff(t) in a variety of sys-
tems of different densities and inferred typical values of ≈0.02,

essentially independent of density [although see Elmegreen (2007)
for further discussion of these measurements]. Evans et al. (2009)
obtain values of SFERff(t) in the range 0.03–0.06, for entire clouds,
but rather larger values (0.1–0.25) for dense cores. The values of
SFERff(t) computed by Murray (2011) are generally larger than
those in our unbound clouds, but are comparable in the case of the
bound clouds. Their observed values are in the range 0.001–0.592
with a mean of 0.16.

In our bound clouds, the mean SFERff(t) is reduced by feedback
by 29 per cent from 0.160 to 0.113 and in the unbound clouds by

MNRAS 442, 694–712 (2014)
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Outline

• Review of observations 
• Galatic scales 
• Sub-galactic scales 

• Feedback taxonomy 
• Hot (~107 K) feedback (SNe, stellar winds, radiation?) 
• Warm (~104 K) feedback (photoionisation, PMS winds) 
• Cool (~10 - 103 K) feedback (FUV heating) 

• Conclusions and future questions 



What Determines the HI / H2 on Large Scales?

nHInR = nH2

Z
d⌦

Z
d⌫ �H2fdissI⌫/h⌫

ê ·rI⌫ = � (nH2�H2 + n�d) I⌫

• Chemical balance:

H2 formation H2 dissociation

Shielding
• Solution depends on:

⌧ = ⌃�d � ⇡
✓

�d/10�21 cm2

R/3⇥ 10�17 cm3 s�1

◆✓
G0

n/cm�3

◆

• Bottom line: HI → H2 at a column Σth ≈ 10/Z’ M⊙ pc−2 

(Krumholz+ 2008, 2009, McKee+ 2010, Sternberg+ 2014, Bialy+ 2015) 
• Uncertain if equilibrium treatment is reasonable: maybe 

yes on galactic scales (Krumholz & Gnedin 2010), no on ~10 pc 
scales (Mac Low & Glover 2010)



Models vs. Observations 
of HI - H2 Transition

Theory: Krumholz+ 2008, 2009

Left observations: Wong+ 2013

Right observations: Lee+ 2015
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Fig. 11.— (left) RH2 versus ΣHI +ΣH2 for IC348 and B1E (this study). All finite pixels in the rectangular boxes shown in Figure 9 are
used for plotting. The median 3σ values of RH2 and ΣHI+ΣH2 are indicated as the black dashed lines, while the best-fit curves determined
in Section 6.4 are overlaid in red. The best-fit parameters are shown in the bottom right corner of each plot. (right) Plots from Lee et al.
(2012).

6.3. RH2 versus ΣHI + ΣH2 and ΣHI versus ΣHI + ΣH2

From the rederived N(HI) and N(H2) images, we esti-
mate ΣHI and ΣH2 by

ΣHI (M⊙ pc−2) =
N(HI) (cm−2)

1.25× 1020

ΣH2 (M⊙ pc−2) =
N(H2) (cm−2)

6.25× 1019
. (16)

We find that ΣHI varies by only a factor of ∼2.6 from
∼4.8 M⊙ pc−2 to ∼12.7 M⊙ pc−2. On the other hand,
ΣH2 ranges from −2.4 M⊙ pc−2 to 81.8 M⊙ pc−2, al-
though ∼98% of the pixels have ΣH2 < 15 M⊙ pc−2. As
a result, ΣHI +ΣH2 has a small dynamic range of ∼8–30
M⊙ pc−2 across most of the cloud.
To compare with the KMT09 predictions aiming at re-

visiting the HI saturation in Perseus, we focus on the in-
dividual dark (B5, B1E, and B1) and star-forming (IC348
and NGC1333) regions. The boundaries of each region
were determined based on the 13CO emission (Section 5
of Lee et al. 2012 for details), and are shown as the red
rectangular boxes in Figure 9. Using all finite pixels in
the rectangular boxes, we plot ΣHI and RH2 as a function
of ΣHI +ΣH2 for each region, and present the results for
IC348 and B1E in Figures 10 and 11. Additionally, we
show the same plots from Lee et al. (2012) for compari-
son. Note that both this study and Lee et al. (2012) in-
clude negative ΣH2 values by using all finite pixels in the

rectangular boxes. Almost all (∼90%) of these negative
ΣH2 values fluctuate around zero within uncertainties.

6.4. Comparison to the KMT09 Predictions

As in Lee et al. (2012), the following KMT09 predic-
tions are used to fit the observed RH2 vs ΣHI +ΣH2 pro-
files:

RH2 =
4τc
3ψ

!

1 +
0.8ψφmol

4τc + 3(φmol − 1)ψ

"

− 1 (17)

where

τc =
3

4

#

Σcompσd
µH

$

, (18)

ψ = χ
2.5 + χ

2.5 + χe
, (19)

and

χ = 2.3
1 + 3.1Z ′0.365

φCNM
. (20)

Here τc is the dust optical depth a spherical cloud would
have if its HI and H2 are uniformly mixed, and χ is the
ratio of the rate at which LW photons are absorbed by
dust grains to the rate at which they are absorbed by H2.
In addition, Σcomp is the total gas column density, σd is
the dust absorption cross section per hydrogen nucleus in
the LW band, µH is the mean mass per hydrogen nucleus,
Z ′ is the metallicity normalized to the value in the solar
neighborhood, φCNM is the ratio of the CNM density to
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Figure 1. (a) Comparison of H i and H2 surface densities sampled at the resolution of the H i data. Points are color coded by gas-phase metallicity, assumed uniform
except for four galaxies (NGC 1637, 3198, 4254, and 4654) where a measured gradient has been applied. A diagonal line corresponds to the locus of equal H i and
H2 surface densities. The correlation of characteristic H i column density with metallicity is apparent as a color gradient in the plotted points. The MK10 predictions
for three different metallicities (12 + log(O/H) = 9.1, 8.65, and 8.2) are shown as colored lines. (b) The same data and color coding but with the abscissa normalized
by the predicted value from MK10 as appropriate to each point. Panels (c) and (d) compare ΣH2 with stellar surface density and normalized galactocentric radius
respectively.
(A color version of this figure is available in the online journal.)

changes in the covering fraction of GMCs rather than the actual
surface density of GMCs.

4. DISCUSSION AND SUMMARY

We have compared the CO and H i surface brightnesses in
individual apertures across 18 galactic disks from the CARMA
STING sample spanning a range of metallicity and stellar mass.
For simplicity we have plotted only independent quantities,
avoiding intrinsic correlations between axes and assumptions

about which combination of observables is most physically
relevant for star formation or ISM physics. We also exclude non-
detections (upper limits) from our analysis, so we are sensitive
only to trends in CO-detected regions, which may be quite
distinct from trends related to the detectability of CO (e.g.,
Saintonge et al. 2011).

Our principal result is a clear dependence of the characteristic
H i column density on metallicity, as predicted by the models
of KMT09 and MK10. A similar result had been obtained
for a dwarf galaxy sample by Fumagalli et al. (2010), but
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Nevertheless, the differences between the star formation histories
of the clouds simulated in these four runs are relatively small, despite
the significant differences that exist in the chemical make-up of the
clouds. The presence of H2 and CO within the gas appears to make
only a small difference in the ability of the cloud to form stars.
Furthermore, the fact that a cloud that does not form any molecules
is not only able to form stars, but does so with only a short delay
compared to one in which all of the hydrogen and a significant
fraction of the carbon is molecular is persuasive evidence that the
formation of molecules is not a prerequisite for the formation of
stars.

Examination of the nature of the stars formed in these four sim-
ulations is also informative. Naively, one might expect that in the
absence of molecular cooling, or more specifically CO cooling, the
minimum temperature reached by the star-forming gas would be
significantly higher. If so, then this would imply that the value of
the Jeans mass in gas at this minimum temperature would also be
significantly higher. It has been argued by a number of authors (e.g.
Jappsen et al. 2005; Larson 2005; Bonnell, Clarke & Bate 2006) that
it is the value of the Jeans mass at the minimum gas temperature in
a star-forming cloud that determines the characteristic mass in the
resulting initial mass function (IMF). Following this line of argu-
ment, one might therefore expect the characteristic mass to be much
higher in clouds without CO. However, our results suggest that this
is not the case. In runs C, D1 and D2, the mean mass of the stars that
form is roughly 1–1.5 M⊙ (Fig. 1, bottom panel) and shows no clear
dependence on the CO content of the gas. Indeed, the mean mass
is slightly lower in run C, which has no CO, than in run D2, which
does. The mean stellar mass that we obtain from these simulations
is slightly higher than the characteristic mass in the observation-
ally determined IMF, which is typically found to be somewhat less
than a solar mass (Chabrier 2001; Kroupa 2002). However, this is
a consequence of our limited mass resolution, which prevents us
from forming stars less massive than 0.5 M⊙, and hence biases our
mean mass towards higher values. (We return to this point in Sec-
tion 3.3.) In run B, we again find a greater difference in behaviour,
but even in this case, the mean stellar mass remains relatively small,
at roughly 2 M⊙. It therefore appears that the presence or absence
of molecules does not strongly affect either the star formation rate
of the clouds or the mass function of the stars that form within them.

Conspicuous by its absence from our discussion so far has been
run A, the run in which we assumed that the gas remained optically
thin throughout the simulation. In this run, we find a very different
outcome. Star formation is strongly suppressed, and the first star
does not form until t = 7.9 Myr, or roughly three global free-fall
times after the beginning of the simulation. The results of this run
suggest that it is the ability of the cloud to shield itself from the
effects of the ISRF, rather than the formation of molecules within
the cloud, that plays the most important role in regulating star
formation within the cloud (cf. Krumholz, Leroy & McKee 2011).

3.2 Thermal and chemical state of the gas

3.2.1 Temperature distribution

In order to understand why molecular gas appears to be of only
very limited importance in determining the star formation rate, it is
useful to look at the thermal state of the gas in the different runs
at the point at which they begin forming stars. This is illustrated in
Fig. 2 for runs B, C, D1 and D2. For comparison, we also show the
temperature distribution of the gas in run A at t = 2.3 Myr (i.e. at
a similar time to the other four runs, albeit roughly 5.6 Myr before

Figure 2. Gas temperature plotted as a function of n, the number density of
hydrogen nuclei, in runs B, C, D1 and D2 (panels 2–5) at a time immediately
prior to the onset of star formation in each of these runs. Note that this
means that each panel corresponds to a slightly different physical time. For
comparison, we also plot the temperature of the gas as a function of density
in run A (panel 1, at the top) at a similar physical time, t = 2.3 Myr, although
in this case, this is long before the cloud begins to form stars.

run A itself begins to form stars). The first point to note is the basic
similarity of the temperature distribution in most of the runs. In runs
B, C, D1 and D2, the temperature decreases from roughly 100 K at n
∼ 10 cm−3 to 10 K at n = 105 cm−3 and to 8 K at n = 106 cm−3. This
corresponds to a relationship between temperature and density that
can be approximated as T ∝ ρ−0.25 at n < 105 cm−3, or a relationship
between pressure and density P ∝ ρ0.75, in good agreement with
the relationship P ∝ ρ0.73 proposed by Larson (1985, 2005). The
fact that the effective equation of state of the gas is significantly
softer than isothermal (i.e. P ∝ ρ) means that the local Jeans mass
decreases rapidly with increasing density within the cloud, a factor
which is known to greatly assist gravitational fragmentation (see

C⃝ 2012 The Authors, MNRAS 421, 9–19
Monthly Notices of the Royal Astronomical Society C⃝ 2012 RAS

Why Does H2 
Matter?

• Gas forms H2 only in locations where it is 
shielded from the dissociating ISRF by dust


• However, the same photons that dissociate 
H2 also dominate photoelectric heating


• Consequence: H2 is a good proxy for 
where gas is cold, and this is why it 
correlates with SFR (Krumholz+ 2011, 
Glover & Clark 2011)


• Implication: FUV feedback is key physics


• Analytic models for SFR controlled by FUV 
feedback / HI - H2 transition: Krumholz+ 
2009, 2013; Ostriker+ 2010
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Dwarf Simulations

• Simulate dwarf galaxy w/HI 
mass ~108 M⨀, Z = 0.1 Z⨀


• Δx = 2.5 pc, star particle mass 
~50 M⨀; results converged


• Feedback includes:

• Stochastic IMF drawing

• Photoionisation

• SNe; no need for sub-grid 

model because blast wave is 
always well-resolved


• Space- and time-
dependent FUV heating Forbes+ 2016, 2017



Effects of FUV Feedback
Grey = gas surface density

Red = gravitationally unstable

Blue plus = young stars

SN + photoionisation only SN + photoionisation + FUV



tdep ~ 100 Gyr

Comparison to 
Observations and Models

Left: integrated SFR

Right: spatially-resolved SF law



Conclusions and Questions

• Dominant feedback mechanism depends on scale and galaxy type 
• Inner spiral galaxies, galactic scale: hot feedback 
• Inner spiral galaxies, GMC / cluster scale: warm feedback 
• Dwarfs, outer spirals: FUV radiation feedback 

• Uncertainties 
• Galaxy scales: does radiation pressure ever matter? Is SN 

momentum budget affected by clustering? 
• GMC /cluster scale: transition between photoionisation and 

direct radiation? Protostellar outflows? 
• Dwarfs: transition between FUV and SNe dominating feedback?







A Word on Winds

• Winds from O stars are another 
potential source of hot gas


• Total energy budget smaller than SNe


• Main question: does wind stay 
confined, or does it leak out?


• Can diagnose observationally: 
measure hot gas from X-rays, 
compare to other sources of pressure


• Consensus from several authors: 
winds subdominant (Harper-Clark+ 
2009, Lopez+ 2011, 2014, Rosen+ 
2014)
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Figure 10. Map of the hot gas electron density nX (in particles cm−3) across 30 Doradus. These values were obtained by modeling the Chandra X-ray spectra from
each region, which output the best-fit EM. We converted EM to nX using Equation (7).
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Figure 11. All pressures vs. radius from the center of R136. Regions with
similar radii (defined as radii within 10% fractionally of each other) are binned
to simplify the plot and make trends more readily apparent, and bars reflect
the 1σ standard deviations in the pressures at the given radii. Generally, Pdir
dominates at radii !75 pc and follows a Pdir ∝ r−2 relation (the blue solid
line), whereas PH ii dominates at larger distances from R136. PIR and PX do not
appear to contribute significantly.

consistent with our finding (see Section 5.1) that the X-ray gas
does not remain adiabatic and trapped inside the shell. Instead,
the hot gas is either leaking out or is mixing with cool gas and
suffering rapid radiative losses as a result. In either case, the
hot gas is likely to be flowing at a bulk speed comparable to
its sound speed, and thus it will not have time to reach pressure
equilibrium with the cooler gas that surrounds it before escaping
the H ii region. Alternatively, it may be that pressure balance is
established between the warm ionized gas and the ram pressure
of the hot gas, whereas we have only measured the thermal
pressure. This picture is consistent with the anticoincidence of
the warm and hot gas noted by previous X-ray work (e.g., Wang
1999; Townsley et al. 2006a).

In Figure 12, we give the maps of the four pressures across
30 Doradus for our 441 regions. Pdir has a smooth profile due
to its 1/r2 dependence, while PH ii is fairly uniform across
30 Doradus (as expected for a classical H ii region). Compared
to those components, PIR and PX have more variation through-
out the source. Additionally, all the maps have significant en-
hancements in the central regions near R136; in the cases of PIR
and PH ii, the elevated pressures correspond to the molecular
“ridge” in 30 Doradus (as seen in the CO contours in Figure 2).
Additionally, all except Pdir have greater pressures in the regions
near the SNR N157B (the bottom right of the maps).

We can utilize the obtained pressures to estimate the total
energy of each component. In particular, we measure the total
energy density u in a given radius bin of Figure 11 and
multiply by the volume of its shell (where we have set the
shell thickness to the difference of the upper and lower bound
radius of that bin). We convert pressures P to energy densities
u using the relations Pdir = udir, PIR = 1

3uIR, PH ii = 2
3uH ii,

and PX = 2
3uX. Using this approach, we find the following

total energies for each component: Edir = 5.1 × 1053 erg,
EIR = 1.7 × 1053 erg, EH ii = 2.8 × 1053 erg, and EX =
6.5×1052 erg. Therefore, the direct and dust-processed radiation
fields and the warm ionized gas contribute similarly to the
energetics of the region, and every component is !2 orders
of magnitude above the typical kinetic energy of a single SN
explosion.

5. DISCUSSION

5.1. Leakage of the Hot Gas

As mentioned previously, the X-ray emission in 30 Doradus
arises from the shock heating of gas to temperatures of ∼107 K
by stellar winds and SNe. These feedback processes eventually
carve out large cavities, called bubbles and superbubbles, filled
with diffuse X-ray emission. In Figure 11, we demonstrated that
the pressure associated with the hot gas PX is comparatively low
relative to the other pressure components. Here, we explore the
implications of this result in regard to the trapping/leakage of
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Figure 12. Maps of the four pressure components across 30 Doradus. All four are on the same color scale to enable visual comparison. Consistent with Figure 11, Pdir
dominates in the central few arcminutes, while the PH ii dominates at larger distances from R136.

the hot gas. For this discussion, we will consider stellar winds
only and ignore the contribution by SNe; this assumption is
reasonable given that the mechanical energy of one SN is on
the order of the amount injected by winds over a single massive
star’s lifetime (Castor et al. 1975). This assumption is valid at
the 0.5 Z⊙ of the LMC: simulations of a 5.5 × 104 M⊙ star
cluster in Starburst99 (Leitherer et al. 1999) showed that the
total wind luminosity decreased by roughly a factor of two from
the solar to half-solar metallicity case.

There are several competing theoretical models to account for
the X-ray luminosity in bubbles and superbubbles. The models
of Castor et al. (1975) and Weaver et al. (1977) assume that
the shock-heated gas is completely confined by a cool shell
expanding into a uniform density ISM. An alternative theory
proposed by Chevalier & Clegg (1985) ignores the surrounding
ISM and employs a steady-state, free-flowing wind. Recently,
Harper-Clark & Murray (2009) introduced an intermediate
model between these two, whereby the ambient ISM is non-
uniform. In this case, only some of the hot gas can escape freely
through the holes in the shell.

The fraction of hot gas confined by the shell directly deter-
mines the hot gas pressure on the shell as well as the X-ray
luminosity within the bubble. If the shell is very porous, the
shock-heated gas will escape easily, the wind energy will be
lost from the bubble, and the associated pressure and luminosity
will be low. By comparison, a more uniform shell will trap the
hot gas, retain the wind energy within the bubble, and the corre-
sponding X-ray pressure and luminosity will be much greater.
As such, in the latter case, the shocked winds could have a sig-
nificant role in the dynamics of the H ii region. We note that the
warm gas is not able to leak similarly because its sound speed
is less than the velocities of the shells (20–200 km−1; Chu &
Kennicutt 1994).

To assess whether the hot gas is trapped inside the shell and
is dynamically important, we measure the ratio of the hot gas
pressure to the direct radiation pressure, ftrap,X = PX/Pdir, and
compare it to what ftrap,X would be if all the wind energy was
confined. We can calculate the trapped-wind value using the
wind-luminosity relation (Kudritzki et al. 1999; Repolust et al.
2004), which indicates that the momentum flux carried by winds
from a star cluster is about half that carried by the radiation field
if the cluster samples the entire IMF. Written quantitatively,
0.5 Lbol/c = Ṁwvw, where Ṁw is the mass flux from the winds
that launched at a velocity vw. The mechanical energy loss Lw
of the winds is then given by

Lw = 1
2
Ṁwv2

w = L2
bol

8Ṁwc2
, (8)

and the mechanical energy of the winds is simply Ew = Lwt ,

where t is the time since the winds were launched. Putting these
relations together, the trapped X-ray gas pressure PX,T is

PX,T = 2Ew

3VH ii
= L2

bolt

16πṀwc2R3
H ii

, (9)

where VH ii is the volume of the H ii region.
Given that Pdir = Lbol/(4πR2

H iic), then ftrap,X is

ftrap,X = Lbolt

4ṀwcRH ii
= Lbol

4Ṁwcvsh
, (10)

where we have set RH ii/t = vsh, the velocity of the expanding
shell. Finally, we put Ṁw in terms of Lbol and vw, so that
Equation (10) reduces to

ftrap,X = vw

2vsh
. (11)

We use the above equation to obtain an order-of-magnitude
estimate of ftrap,X if all the wind energy is confined by the
shell. We assume a wind velocity vw ∼ 1000 km s−1 (the
escape velocity from an O6 V star; a reasonable order-of-
magnitude estimate, since O3 stellar winds are faster and WR
winds would be slower than this value). If we set vsh ∼
25 km s−1 (the expansion velocity over 30 Doradus given by
optical spectroscopy; Chu & Kennicutt 1994), then ftrap,X ∼ 20.

We can compare this ftrap,X to our observed values for the
regions closest to the shell (the ones along the rim of our 441
squares in Figure 5); Figure 13 shows the histogram of our
observed ftrap,X values. We find a mean and median ftrap,X of
0.30 and 0.27, respectively, for our outermost regions. Over
30 Doradus, the highest values of ftrap,X are near the SNR N157B
in the southwest corner of 30 Doradus (see Figure 14), where
the hot gas is being generated and has not had time to vent.
Other locations where ftrap,X is elevated are regions with strong
X-ray emission and weak Hα emission. Morphologically, these
areas could be where the hot gas is blowing out the 30 Doradus
shell.

The observed ftrap,X values are 1–2 orders of magnitude
below what they would be if the wind was fully confined. As
a consequence, we find that PX of our regions is too low to be
completely trapped in the H ii region (the Castor et al. model),
and the X-ray gas must be leaking through pores in the shell.
This result is consistent with the Harper-Clark & Murray model
of partial confinement of the hot gas, and the weakness of PX
relative to Pdir suggests that the hot gas does not play a significant
role in the dynamics of the H ii region.

We note here that our rim regions in this analysis are
∼70–130 pc from R136, which is less than the estimated radius
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